
Magnetothermal evolution of neutron star cores in the weak-coupling
regime: Implications of ambipolar diffusion for the quiescent x-ray

luminosity of magnetars

N. A. Moraga ,1,* F. Castillo ,2 D. D. Ofengeim,3,4 A. Reisenegger ,2,5 J. A. Valdivia ,1

M. E. Gusakov ,4 E. M. Kantor ,4 and A. Y. Potekhin4
1Departamento de Física, Facultad de Ciencias, Universidad de Chile,

Las Palmeras 3425, Ñuñoa, Santiago, Chile
2Departamento de Física, Facultad de Ciencias Básicas, Universidad Metropolitana de Ciencias de la
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The high quiescent x-ray luminosity observed in some magnetars is widely attributed to the decay and
evolution of their ultrastrong magnetic fields. Several dissipation mechanisms have been proposed, each
operating with different efficiencies depending on the region of the star. In this context, ambipolar
diffusion, i.e., the relative motion of charged particles with respect to neutrons in the neutron star core, has
been proposed as a promising candidate due to its strong dependence on magnetic field strength and its
capacity to convert magnetic energy into heat. We perform axisymmetric magnetohydrodynamic
simulations to study the long-term magnetic evolution of a neutron star core composed of normal
(non-Cooper-paired) matter under the influence of ambipolar diffusion. The core is modeled as a two-fluid
system consisting of neutrons and a charged-particle fluid (protons and electrons), coupled to the magnetic
field. Simulations are performed both at constant and variable temperatures. In the latter case, a strategy that
decouples the magnetic and thermal evolution is employed, enabling efficient thermal modeling across a
range of initial magnetic field strengths. At constant temperature, we obtain the expected result where
neutrons reach diffusive equilibrium, the Lorentz force is balanced by chemical potential gradients of
charged particles, and the magnetic field satisfies a nonlinear Grad-Shafranov equation. When thermal
evolution is included, fields B ≳ 5 × 1015 G can balance ambipolar heating and neutrino cooling, delaying
the evolution over ∼103½B=ð5 × 1015 GÞ�−6=5 yr. Although the surface luminosity is enhanced compared
with passive cooling, the heating from ambipolar diffusion alone is insufficient to fully explain the
persistent x-ray emission observed in magnetars.

DOI: 10.1103/16ny-kw3h

I. INTRODUCTION

Magnetars are a subclass of neutron stars (NSs) that
possess the strongest magnetic fields observed in the
Universe. Initially observed as soft gamma repeaters and
anomalous x-ray pulsars, the surface dipole magnetic field
strength inferred from their spindown can be as large as a
few times 1015 G [1], with the possibility of even stronger
internal fields. The phenomenology exhibited by magnetars
—strong quiescent emission, short bursts, large outbursts,
giant flares, and quasiperiodic oscillations, often coupled
with intriguing timing behaviors [2]—makes them a major
focus of study. All of these phenomena are thought to be a

direct consequence of the evolution and decay of an
ultrastrong magnetic field, which is believed to provide
the main energy budget [3,4].
In recent decades, significant advances in x-ray astronomy

have enabled more precise measurements of quiescent x-ray
luminosities, reducing uncertainties. Additionally, kinematic
ages have been determined for some sources, making the
problem of explaining the magnetar’s strong luminosity an
excellent opportunity to test and compare magnetothermal
simulations with observational data.
In this context, several mechanisms have been proposed

(see, e.g., Ref. [5]), with the magnetothermal evolution
focusing solely on the crust being particularly successful.
In the crust, ions have very restricted mobility, so the
evolution depends only on the motion of the electrons.*Contact author: nicolas.moraga@ug.uchile.cl
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Thus, the long-term mechanisms that control the magneto-
thermal evolution in this region are Ohmic diffusion, i.e.,
current dissipation by electric resistivity; and Hall drift,
which corresponds to advection of the magnetic field lines
by the electron fluid motion. Although the Hall drift by
itself does not dissipate magnetic energy, it changes the
magnetic field configuration, creating small-scale struc-
tures that dissipate more quickly [6], possibly explaining
the luminosities of some magnetars [7]. Additionally, the
anisotropy of heat conduction caused by strong magnetic
fields can account for the morphology of surface hot
spots [8,9], and when the presence of strong toroidal fields
is considered, not only can the surface luminosity be
explained, but phase-resolved light curves can also repro-
duce the observational data [10]. Despite these encouraging
results, determining the hot-spot morphology and light
curves remains a degenerate problem, as different magnetic
field configurations can produce similar surface luminos-
ities and phase-resolved light curves [9]. Furthermore, there
is a need to clarify the role that the core plays, as most of
these authors make simplified assumptions about the core’s
magnetic field, either assuming it has been completely
expelled (see, e.g., Ref. [11]) or that it remains frozen
throughout the evolution. In the former scenario, the
characteristic length scale of the magnetic field decreases,
leading to a stronger crustal field compared with the
external dipolar component. This intensifies Joule heating
and accelerates the overall crustal evolution [7,8,10,12–18].
Conversely, in the frozen-field approximation, the magnetic
field in the core has a stabilizing effect, significantly
slowing down the magnetic evolution in the crust and
resulting in minimal heating [7,15].
The magnetothermal evolution in the core is much more

complicated than in the crust, as thephysics behind it is poorly
understood. The NS core is a mixture of neutrons (mostly),
protons, and electrons, joined by muons and possibly other
more exotic species at increasing densities. Also, neutrons
and protons are likely to become superfluid and super-
conducting, respectively, relatively early in the star’s life at
core temperatures T ∼ 108–1010 K (as first suggested by
Ref. [19]; see, e.g., Ref. [20] for a review). The presence of
superfluidity and superconductivity leads to very complex
dynamics as a result of the macroscopic manifestation of the
interactions between quantized neutronvortices andmagnetic
flux tubes [21–24].However, in thepresentwork,we consider
the case of a “normal” core, i.e., nonsuperconducting and
nonsuperfluid, which is likely to be realistic for young
magnetarswith high temperatures and strongmagnetic fields.
The magnetic field in an NS reaches an equilibrium

configuration shortly after the proto–neutron star phase
(see, e.g., Refs. [25,26]). Because of frequent collisions
between different species of particles, the matter in the NS
core initially behaves as a single fluid that is stably
stratified due to a radial gradient of the relative abundances,
which causes buoyancy forces opposing convective

motions [6,27,28]. On the other hand, due to the high
electrical conductivity, the magnetic field lines are effec-
tively frozen into the fluid [29].
In order for the magnetic field to evolve, the charged

particles must move, overcoming the stable stratification.
As explained in Ref. [30], this can happen by two different
mechanisms, each of which dominates in a different
temperature range.
(1) Strong coupling regime: At high core temperatures

(T ≳ 5 × 108 K), frequent collisions strongly couple
all particle species, causing charged particles and
neutrons to move as a single fluid, whose buoyancy
forces are overcome by “Urca reactions” [31] that
convert neutrons into protons and electrons and vice
versa, adjusting the chemical composition [32–34].
Contrary to simplified models extensively used in
the literature [5,6,35–38], this bulk motion does not
depend on a relative motion of neutrons and charged
particles and is therefore not affected by interparticle
collisions.
Numerical simulations in axial symmetry [30]

show that, in principle, the NS core will evolve to a
state in which the matter is in chemical equilibrium
and the magnetic field satisfies the Grad-Shafranov
(GS) equation. However, when the thermal evolution
is considered together with the magnetic field
evolution, it is found that the rapid decline of the
Urca reaction rates does not allow this state to be
reached. Even for magnetar-strength fields, the
magnetic feedback on the thermal evolution in this
regime is negligible, and the magnetic field remains
essentially in its initial equilibrium state.

(2) Weak coupling regime: At lower core temperatures
(T ≲ 5 × 108 K), Urca reaction rates drop signifi-
cantly, but the reduced collisional coupling allows
ambipolar diffusion (relative motion between
charged particles and neutrons) [6,30,33,35,39,40].
This relative motion is critical to allow further
evolution of the magnetic field, although the latter
remains dominated by the bulk motion [34,40]. This
process is likely critical to understanding magnetar
activity, due to its dependence on magnetic field
intensity [3,4]. The weak coupling regime, particu-
larly its magnetothermal evolution, is the primary
focus of this study.

In the development of magnetar models, Thompson and
Duncan [3,4] first highlighted the potentiality of ambipolar
diffusion to explain a magnetar’s quiescent luminosity
through its strong dependence on magnetic field strength
and through its ability to convert magnetic energy into
internal energy, thereby heating the NS core. Later, Hoyos
et al. [35,41] conducted the first one-dimensional simula-
tions that evolved both the magnetic field and the small
density perturbations it induces in charged particles and
neutrons, driven by ambipolar diffusion and nonequilibrium
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Urca reactions within the NS core at constant temperature.
Subsequently, Castillo et al. [42] reported the first axially
symmetric simulations of themagnetic field evolution due to
ambipolar diffusion, using a one-fluid model in which the
neutrons are fixed and only the charged particles can move.
This work showed that the magnetic field is transported by a
large-scale, mostly solenoidal flow of the charged particles
controlled by their collisions against the neutrons. Although
it considered a more realistic spherical geometry, it ignored
Urca reactions and assumed the friction coefficients to be
constant in time (implying a constant temperature) and did
not accurately capture the multifluid nature of the core by
neglecting the motion of the neutrons. Later, Castillo et al.
[40] addressed these limitations by incorporating themotion
of the neutrons and distinct density profiles for neutrons and
charged particles [using a toy-model equation of state
(EoS)], accounting for stable stratification. Again, the
magnetic field is transported by a solenoidal flow of the
charged particles, but now accompanied by a very similar
flow of the neutrons, causing a faster evolution, as was
predicted in Ref. [34]. However, neither the effect of Urca
reactions nor the thermal evolution were considered in
this work.
Recently, the first three-dimensional simulations of

ambipolar diffusion within the one-fluid model were
reported in Ref. [37], partially accounting for crustal effects
by incorporating a thin shell dominated by Ohmic dis-
sipation. Their study focused on a purely poloidal magnetic
field, which was found to be unstable. Similarly, the
coupled magnetic evolution of the core and crust at a
constant temperature, accounting for the interplay between
ambipolar diffusion and the Hall effect, was investigated in
Ref. [38]. However, this study was also conducted within
the one-fluid model framework.
The inclusion of the thermal evolution was addressed in

Refs. [5] and [43] within a simplified one-dimensional,
one-fluid model with fixed neutrons. This model cannot
capture the multifluid nature of the core and the large-scale,
mostly solenoidal flows of stellar matter that naturally
emerge in the two-fluid model in two (and potentially three)
dimensions. Consequently, the conclusions drawn from the
one-fluid model require reconsideration, which is the
purpose of the present work.
The present article can be considered as a continuation of

Moraga et al. [30], where we reported the first simulations
of the strong-coupling regime using a new numerical
scheme within the anelastic approximation, where time
derivatives in the continuity equations are neglected. We
note that the inertial terms in the Euler equations had
already been neglected in previous work, replacing them
with a fictitious friction force [30,35,40–42,44].1 The

validity of this scheme was thoroughly studied in
Ref. [44], who compared its results with rigorous semi-
analytical calculations and found good convergence in the
limit where the fictitious friction force is negligible. These
approximations eliminate sound and Alfvén waves, which
are damped on time scales much shorter than the times
of interest for NS field evolution. Here, we apply this
approach to the regime of weak coupling, which is
astrophysically more interesting than the strong-coupling
regime. As in Ref. [30], this leaves only two relevant time
scales in the problem, in this case, the physically relevant
ambipolar diffusion time, tad ∝ B−2, and a fictitious friction
time, which can be chosen to be a fixed small fraction of the
former. This choice allows us to scale a given simulation to
different magnetic field strengths by just rescaling time.
It furthermore leaves the collisional coupling strength as
the only temperature-dependent physical parameter in the
magnetic field evolution, allowing us to decouple the
calculation of the magnetic and thermal evolution and
obtain the magnetothermal behavior based on the results
obtained from constant-temperature simulations.
This paper is organized as follows. In Sec. II, we present

the main equations and assumptions governing the physical
model and discuss the time scales associated with the
problem. In Sec. III, we describe the application of the
numerical scheme to simulate the weak-coupling regime. In
Sec. IV, we present the outcomes of our simulations at
constant temperature, characterizing and analyzing the final
equilibrium state. Then, in Sec. V, we describe the same
strategy already implemented in Ref. [30] to include the
thermal evolution and present the outcomes of the mag-
netothermal evolution. Finally, in Sec. VI, we summarize
our results and outline the main conclusions.

II. MAIN EQUATIONS

A. Background stellar model

After the supernova explosion and the proto–neutron star
phase, the magnetic field settles into a hydromagnetic
equilibrium configuration (see, e.g., the simulations
reported in Refs. [25] and [26]), within a few Alfvén
crossing time scales

tAlf ∼
ð4πρÞ1=2R

B
ð1Þ

∼7 × 10−2
�

R
12 km

��
ρ

ρnuc

�1
2

�
1015 G

B

�
s; ð2Þ

where ρ represents the stellar mass density, ρnuc ¼ 2.8 ×
1014 g cm−3 is the nuclear saturation mass density, R
denotes the stellar radius, and B is the magnetic field
strength. The NS structure in this hydromagnetic equilib-
rium state differs only slightly from the spherically sym-
metric, unmagnetized equilibrium state since the ratio

1Unknown to these authors, this method had been used
as a “magneto-frictional method” in different contexts by
Refs. [45–47] and [48].
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between the magnetic pressure and the typical fluid
pressure P in an NS is B2=8πP≲ 10−6ðB=1015 GÞ2 [33].
Hence, we can consider a background stellar model where
we adopt the standard static and spherically symmetric
metric, defined through the space-time interval

ds2 ¼ −c2e2ΦðrÞ=c2dt2 þ e2ΛðrÞdr2 þ r2dθ2 þ r2sin2 θdϕ2;

ð3Þ

where eΛðrÞ ¼ ½1 − 2GmðrÞ=ðc2rÞ�−1=2, mðrÞ is the gravi-
tational mass enclosed within a radius r, i.e.,

mðrÞ ¼ 4π

Z
r

0

ρðr̃Þr̃2dr̃; ð4Þ

ρ is the mass density, c is the speed of light, and G is the
gravitational constant. The lapse function eΦðrÞ=c2 accounts
for redshift factors and is determined by

dΦ
dr

¼ Gm
r2

�
1þ 4πr3P

c2m

��
1 −

2Gm
c2r

�
−1

ð5Þ

with the boundary condition e2ΦðRÞ=c2 ¼ 1–2GM=ðc2RÞ,
where M ≡mðRÞ is the total gravitational mass of the star.
We note that ΦðrÞ reduces to the gravitational potential in
the Newtonian limit (jΦj ≪ c2, i.e., eΦ=c2 ≈ eΛ ≈ 1). We
take the composition of this background model to consist
only of electrons (e), protons (p), and neutrons (n) in
chemical and hydrostatic equilibrium, i.e.,

μpðrÞ þ μeðrÞ ¼ μnðrÞ≡ μðrÞ; ð6Þ

dμ∞ðrÞ
dr

¼ 0; ð7Þ

where μi (i ¼ n, p, e) represent the chemical potentials of
the three particle species and the superscript ∞ denotes
quantities redshifted to infinity; here, μ∞ ≡ eΦðrÞ=c2μðrÞ.
Equation (7) is equivalent to the Tolman-Oppenheimer-
Volkoff equation [49,50],

dP
dr

¼ −
εþ P
c2

dΦ
dr

; ð8Þ

to which it reduces with the aid of the thermodynamic
relations

εþ P ¼
X

i¼n;p;e

niμi; ð9Þ

dP ¼
X

i¼n;p;e

nidμi; ð10Þ

valid for strongly degenerate matter, in addition to the
condition of charge neutrality, npðrÞ ¼ neðrÞ≡ ncðrÞ.

Here, ni and ε ¼ ρc2 correspond to the number density
of each particle species and the energy density, respectively.
Thus, the chemical potentials and particle number

densities of the magnetized star can be split into a time-
independent, spherically symmetric background and a
much smaller, time-dependent perturbation induced by
the magnetic field:

niðr; tÞ ¼ niðrÞ þ δniðr; tÞ; ði ¼ n; cÞ; ð11Þ

μ∞i ðr; tÞ ¼ μ∞ðrÞ þ δμ∞i ðr; tÞ; ði ¼ n; cÞ; ð12Þ

where we again used the condition of local charge
neutrality,

npðr; tÞ ¼ neðr; tÞ≡ ncðr; tÞ; ð13Þ

and defined δμc ≡ δμp þ δμe. In Eqs. (11) and (12), the
number density perturbations are related to the chemical
potential perturbations by

�
δnc
δnn

�
¼

�
Kcc Kcn

Kcn Knn

�−1� δμc

δμn

�
; ð14Þ

where Kij ≡ ∂μi=∂nj ¼ Kjiði; j ¼ n; cÞ.
In this work, we use the same microphysical input as in

[30], i.e., we use the HHJ EoS [51] for an NS with a
total mass M ¼ 1.4M⊙; radius R ¼ 12.2 km; core radius
Rcore ¼ 11.2 km; central mass density ρ0 ¼ 9.3×
1014 g cm−3; central pressure P0 ¼ 1.2 × 1035 erg cm−3;
central number densities nn0 ¼ 4.7 × 1038 cm−3 and nc0 ¼
4.2 × 1037 cm−3; and central matrix elements Kcc;0 ¼
4.5 × 10−42 erg cm3, Knn;0 ¼ 1.3 × 10−42 erg cm3, and
Knc;0 ¼ Kcn;0 ¼ 7.3 × 10−43 erg cm3.
The perturbations in Eq. (11) are also subject to the

global constraint of total baryon number conservation,

δNb ¼
Z
Vcore

δnb dV ¼ 0; ð15Þ

where δnb ¼ δnc þ δnn and dV ≡ 2πeΛðrÞr2 sin θ dr dθ is
the proper volume. When weak interactions are neglected,
as is the case in this study (see Sec. II G), the conservation
of charged particles and neutrons can be enforced sepa-
rately:

δNn ¼
Z
Vcore

δnn dV ¼ 0; ð16Þ

δNc ¼
Z
Vcore

δnc dV ¼ 0: ð17Þ
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B. The two-fluid model

This multifluid system evolves under the influence of
electromagnetic, pressure, gravitational, and collisional
forces. The governing equations have been formulated
and studied extensively by various authors throughout
the last decades (see, e.g., Refs. [6,34,35,39,41,52]), with
a more recent derivation, accounting for general relativity
(GR), provided by Dommes et al. [53]. The processes of
interest involve small velocities that change over time
scales much longer than the Alfvén crossing time; con-
sequently, the equations of motion can be expressed in the
slow-motion approximation, neglecting inertial terms.
Also, throughout this work, we adopt the Cowling approxi-
mation, assuming that perturbations to the gravitational
potential are negligible. Then, the force balance reads

f n þ f c þ fB ¼ 0; ð18Þ

where

f i ≡ −nie−Φ=c2 b∇δμ∞i ði ¼ n; cÞ ð19Þ

are forces acting on neutrons and charged particles (includ-
ing pressure and gravity), and

fB ≡ J
c
× B ð20Þ

is the Lorentz force, with the electric current density
given by

J ¼ encðvp − veÞ ¼ e−Φ=c2 c
4π

b∇ × ðeΦ=c2BÞ; ð21Þ

where e is the charge of the proton and vi denotes the
velocity field of particle species i (more precisely, vi is the
spatial part of the four-velocity defined as in Sec. Vof [53];
note that vi reduces to the ordinary velocity in the

Newtonian limit). Here, the operator b∇ implicitly includes
the metric factor e−Λ:

b∇≡
�
e−Λ

∂

∂r
;
1

r
∂

∂θ
;

1

r sin θ
∂

∂ϕ

�
: ð22Þ

The Euler equation for the neutrons reads as

0 ¼ f n þ γnpnnncvad; ð23Þ

with the ambipolar diffusion velocity defined as

vad ≡ vc − vn ¼ e−Φ=c2
b∇δμ∞n
γnpnc

: ð24Þ

Here, we have used the fact that for a strong magnetic field
the velocity difference vp − ve is much smaller than each

of the other relevant velocities in order to introduce a single
velocity field vc ≡ vp ≈ ve for the charged particle fluid.
This approximation will also allow us to neglect Ohmic
decay in Sec. II C; however, it is important to note that the
relative velocity is small but not entirely negligible, as it
gives rise to the electric currents that sustain the magnetic
field in the core. Also, here and hereafter, the interaction
between electrons and neutrons is neglected as it is much
weaker than that between electrons and protons or protons
and neutrons. The drag coefficients γij quantify the effect of
the particle collisions and are constrained to be symmetric,
γij ¼ γji, in order to satisfy the total momentum conserva-
tion. For the interaction between neutrons and protons, it
reads [54]

γnp ≈ 5.0 × 10−44
�

T
109 K

�
2
�
ρnuc
ρ

�1
3

�
nnuc
nn

�
g cm3 s−1;

ð25Þ

where nnuc ¼ 0.16 fm−3 is the nuclear saturation number
density and T is the local temperature.
Finally, the Euler equation for the electrons reads

− nce

�
Eþ ve

c
× B

�
− nce−Φ=c2b∇δμ∞e

− γepn2cðve − vpÞ ¼ 0; ð26Þ

where E is the electric field.
The velocity fields are further constrained to satisfy the

continuity equations, which can be written in the anelastic
approximation, namely,

e−Φ=c2b∇ · ðeΦ=c2nnvnÞ ¼ þΔΓ; ð27Þ

e−Φ=c2b∇ · ðeΦ=c2ncvcÞ ¼ −ΔΓ; ð28Þ

where we neglected the time derivatives of the number
density perturbations, δni (i ¼ c, n). This eliminates
uninteresting dynamics happening on short time scales,
allowing for an efficient numerical implementation (see
[30]). Here,ΔΓ is the net conversion rate per unit volume of
charged particles to neutrons by nonequilibrium Urca
processes (direct or modified).

C. Magnetic evolution

The magnetic evolution is obtained from Faraday’s
induction equation

∂B
∂t

¼ −cb∇ × ðeΦ=c2EÞ: ð29Þ

To express E as a function of B in the form of a
generalized Ohm’s law, we first derive E from the quasista-
tionary equation for electrons [Eq. (26)]. By setting
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vp ¼ ve ¼ vc and substituting this into Eq. (29), we
obtain

∂B
∂t

¼ b∇ × ðeΦ=c2vc × BÞ: ð30Þ

D. Magnetic energy dissipation

As the magnetic field perturbs the background equilib-
rium, it induces local deviations from chemical equilibrium
and relative motions between neutrons and charged par-
ticles. This leads to the dissipation of magnetic energy
through nonequilibrium Urca reactions and collisions
between charged particles and neutrons. Moraga et al. [30]
derived a detailed expression in the Newtonian limit for the
time derivative of the total magnetic energy in the core,

EB ¼
Z
Vcore

eΦ=c2 B
2

8π
dV; ð31Þ

that now includes relativistic effects for the above metric.
Accounting for all these effects,

dEB

dt
¼ −L∞

ad − L∞
Hν − L∞

P ; ð32Þ

where

L∞
ad ¼

Z
Vcore

e2Φ=c2γnpnnncjvadj2dV; ð33Þ

L∞
Hν ¼

Z
Vcore

e2Φ=c2ΔΓΔμ dV; ð34Þ

L∞
P ¼ 1

4π

I
∂Vcore

e2Φ=c2B × ðvc × BÞ · dS ð35Þ

are the contributions from ambipolar diffusion, nonequili-
brium Urca reactions, and the Poynting flux through the
core-crust interface (taken to be> 0when going outwards),
respectively, and Δμ≡ δμc − δμn is the chemical
imbalance.

E. Thermal evolution

During the first ∼10–100 yr after their birth, NSs are
nonisothermal, with colder cores due to strong neutrino
emission and lower thermal conductivity in the crust. Once
internal thermal relaxation ends, the redshifted internal
temperature, T∞ ¼ TðrÞeΦðrÞ=c2 , becomes uniform in the
absence of strong dissipative heating, and its evolution is
given by the heat balance equation [55–58]

dT∞

dt
¼ 1

C
ðL∞

H − L∞
ν − L∞

cbÞ; ð36Þ

where C is the total heat capacity of the NS core, L∞
H is the

redshifted total power released by heating mechanisms, L∞
ν

is the redshifted total neutrino luminosity, and L∞
cb is the

redshifted outward heat flux through the core boundary.
Here, we assumed that magnetic field dissipation does not
generate strong temperature gradients, which would other-
wise modify this picture (see Sec. VI for a more detailed
discussion about the validity of this assumption).
The redshifted luminosities L∞

H and L∞
ν are related to the

power densities of heating QHðrÞ and cooling QνðrÞ,
respectively, measured in the local reference frame, by
the integrals over the proper volume of the core:

L∞
j ¼

Z
Vcore

QjðrÞe2ΦðrÞ=c2dV; ð37Þ

where the index j ¼ ν,H denotes either neutrino cooling or
heating, respectively.
In the present case, we are interested in the weak-

coupling regime (see Sec. II G), i.e., L∞
H ¼ L∞

ad, and
L∞
Hν ¼ 0. Also, for the HHJ EoS we implement, the direct

Urca mechanism is allowed in the core only for stellar
masses M > 1.83M⊙. Hence, we focus exclusively on the
modified Urca process for the neutrino emission, so that
Eq. (36) reads

dT∞

dt
¼ 1

C̃

�
L̃∞
ad

T3
∞
− L̃∞

ν T7
∞ − L̃∞

cbT
4δ−1
∞

�
; ð38Þ

where

L̃∞
cb ≡ L∞

cbT
−4δ
∞ ; ð39Þ

L̃∞
ad ≡ L∞

adT
2
∞ ¼

Z
Vcore

nn
ncγ̃np

ðb∇δμ∞n Þ2e2ΦðrÞ=c2 dV; ð40Þ

L̃∞
ν ≡ L∞

ν

T8
∞
¼

Z
Vcore

Q̃νðrÞe−6ΦðrÞ=c2 dV

¼ 5.2 × 10−32 erg s−1K−8; ð41Þ

C̃≡ C
T∞

¼ k2B
3ℏ3

X
i¼n;p;e

Z
Vcore

m�
i ðnbÞpFiðnbÞe−ΦðrÞ=c2 dV

¼ 2.6 × 1030 ergK−2 ð42Þ

are temperature-independent coefficients. (Numerical eval-
uations are presented for the specific NS model used in this
paper.) Here, kB and ℏ denote the Boltzmann and reduced
Planck constants, respectively, while m�

i and pFi represent
the effective mass and Fermi momentum of each particle
species. The latter two quantities depend locally on
the baryon number density, given by nb ¼ nc þ nn.
Additionally, we assumed that the redshifted outward heat
flux follows a power-law dependence on the redshifted core
temperature, L∞

cb ∝ T4δ
∞ , where the exponent δ depends on
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the envelope model (see Appendix A for more details).
Furthermore, we defined the rescaled coefficients

γ̃np ≡ e2ΦðrÞ=c2T−2
∞ γnp; ð43Þ

Q̃ν ≡ e8ΦðrÞ=c2T−8
∞ Qν: ð44Þ

F. Hybrid GR/Newtonian scheme

At this point, we highlight a key assumption used in this
paper: while the inclusion of GR is likely negligible for the
magnetic evolution—since the redshift factors are smooth
radial functions with typical values eΦ=c2 ∼ 0.8, and eΛ ∼
1.3 (see Fig. 1)—it could be more important in the thermal
evolution. Here, the equilibrium neutrino luminosity from
Urca reactions plays a crucial role. Since it scales as T8 in
the modified Urca process, it undergoes a relevant modi-
fication by a factor of e−8Φ=c2 ∼ 6, leading to a potentially
significant quantitative effect on the thermal history (see,
e.g., Ref. [59]). Hence, we adopt a hybrid scheme: while we
neglect GR effects in the magnetic evolution, we account
for them in the thermal evolution. The latter will be
implemented by using the redshifted temperature in
Eq. (38) and explicitly incorporating all the redshift factors
in Eqs. (40)–(43), while the rest of the integrand of Eq. (40)

(the function δμn) will come from the evolution of the
magnetic field that assumes Newtonian gravity.
Specifically, in Sec. V B, L̃∞

ad is computed as

L̃∞
ad ¼

Z
Vcore

nnμ2

ncγ̃np

�
∇
�
δμn
μ

��
2

e2ΦðrÞ=c2 dV; ð45Þ

where ∇ denotes the flat-space gradient operator, while δμn
comes from the evolution of the magnetic field (see
Sec. II G for further details).

G. “Weak-coupling” regime

The microphysical processes governing the magneto-
thermal evolution in the core are the collisional coupling
between charged particles and neutrons, as well as non-
equilibrium Urca reactions.
At high temperatures, T ≳ T trans, where T trans ≡ 5 ×

108 K denotes the transition temperature between the two
regimes, the collisional coupling and Urca reactions are
strong, and thus the NS core is in the “strong-coupling”
regime, where the core matter behaves as a single, stably
stratified, nonbarotropic fluid that locally adjusts its chemi-
cal composition, overcoming stable stratification to trans-
port magnetic flux. This regime was extensively studied by
Moraga et al. [30], who demonstrated that the rapid decline
of theUrca reaction rates does not allow themagnetic field to
evolve significantly, and global chemical equilibrium is not
reached in the stellar core before transitioning to the “weak-
coupling” regime. Thus, the initial hydromagnetic equilib-
rium field remains essentially frozen during this period.
At low temperatures: T ≲ T trans, the core is in the “weak-

coupling” regime, where both the collisional coupling and
Urca reactions become significantly less effective. The
weakened collisional coupling allows a relative motion
between neutrons and charged particles, a process known
as ambipolar diffusion. Also, Urca reactions can be
completely neglected [ΔΓ ¼ 0 in Eqs. (27) and (28)], as
they are very sensitive to temperature. Consequently,
neutrons and charged particles behave as two distinct fluid
components, coupled through collisions and with the
charged component also interacting with the magnetic
field. This regime is governed by Eqs. (18), (24), (27),
and (28) with ΔΓ ¼ 0, Eqs. (30) and (38). Since weak
interactions are not considered, the total number of charged
particles and neutrons must be conserved independently, as
dictated by Eqs. (16) and (17).
The Newtonian gravity approximation of the equations

that describe magnetic field evolution in this regime, and
which are used for numerical solutions in the present work,
is obtained by setting eΦðrÞ=c2 ¼ eΛðrÞ ¼ 1 and replacing b∇
with the standard flat-space gradient operator ∇. Under
these assumptions, the governing equations take the form

∂B
∂t

¼ ∇ × ðvc × BÞ; ð46Þ

FIG. 1. Radial functions derived from the HHJ EoS for an NS
with a total radius of R ¼ 12.2 km, a core radius of
Rcore ¼ 11.2 km, and a total mass of M ¼ 1.4M⊙. Shown are
the neutron number density nn (blue, left-oriented triangular
markers), charged-particle number density nc (light orange, right-
oriented triangular markers), equilibrium chemical potential μ
(green, “x” marker), drag coefficient γnp (orange, cross markers),
and the functions Knn (dark pink, star markers), Kcc (yellow,
square markers), and jKncj (light blue, down-pointing triangular
markers). The functions are normalized according to the values
listed in Table I. Metric coefficients, eΦðrÞ=c2 (pink, up-pointing
triangular markers) and eΛðrÞ (grey, solid circular markers),
defined in Eq. (3) are also plotted.
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vc ¼ vn þ vad; ð47Þ

vad ¼
μ∇χn
γnpnc

; ð48Þ

fB þ f c þ f n ¼ 0; ð49Þ

f i ¼ −niμ∇χi; ði ¼ n; cÞ; ð50Þ

∇ · ðnnvnÞ ¼ 0; ð51Þ

∇ · ðncvcÞ ¼ 0: ð52Þ

Here, we define χi ≡ δμi=μ. To derive the expressions for
the forces in Eq. (50), we used the approximation δμ∞i ≈
ð1þΦ=c2Þδμi valid in the Newtonian limit, where
jΦj=c2 ≪ 1, along with Eq. (7). Thus, the forces include
both pressure and gravitational contributions for each fluid
component.
The expression (32) for magnetic energy dissipation in

the Newtonian gravity approximation is given by

dEB

dt
¼ −LHν − Lad − LP − Ėc − Ėn; ð53Þ

where

LHν ¼
Z
Vcore

ΔΓΔμ dV; ð54Þ

Lad ¼
Z
Vcore

γnpncnnjvadj2dV; ð55Þ

LP ¼ 1

4π

I
∂Vcore

B × ðvc × BÞ · dS; ð56Þ

Ėc ¼
Z
Vcore

nc
δμc
c2

∇Φ · vc dV; ð57Þ

Ėn ¼
Z
Vcore

nn
δμn
c2

∇Φ · vn dV: ð58Þ

As in the relativistic case, strictly dissipative terms—
those that always reduce the magnetic energy in the NS
core—appear in Eq. (53), corresponding to energy dis-
sipation due to nonequilibrium Urca reactions (LHν) and
ambipolar diffusion (Lad). In contrast, the Poynting flux
through the core-crust interface (LP), as well as the terms
Ėc and Ėn, can have either sign. The terms Ėc and Ėn are
not physically meaningful and arise purely as an artifact of
the Newtonian approximation. Moraga et al. [30] showed
that, in the strong-coupling regime, Ėc and Ėn are negli-
gible. However, as we will see in Sec. IV, these terms

become necessary in the weak-coupling regime to ensure
the numerical consistency with Eq. (53).

H. Time scale

The typical time over which the magnetic field evolves in
this regime can be estimated from Eq. (46) as

tB ∼
lB

jvcj
¼ lB

jvn þ vadj
; ð59Þ

where lB is the characteristic length scale of the magnetic
field (typically a fraction of the core radius), and

vad ∼
fn

γnpncnn
∼

fB
γnpncnn

∼
B2

4πlBγnpncnn
ð60Þ

[note that we set fn ∼ fB in this estimate, which is
generally not the case; see Eq. (63) below]. It is often
assumed that the neutron velocity (or the net baryon
velocity, which is very similar) can be ignored
[5,6,12,37,38,60], so the typical time scale of magnetic
field evolution reduces to

tad ∼
lB

vad
∼
4πγnpncnnl2

B

B2
: ð61Þ

This estimate, however, overestimates the true evolutionary
time scale in the two-fluid model. As first shown in
Refs. [39] and [34] and later corroborated with detailed
numerical simulations in Refs. [40,44], the bulk neutron
velocity is larger than the ambipolar velocity by a factor
vn=vad ∼ 10–100 depending on the magnetic field geom-
etry and EoS in the core.
A better estimate might be done by following Moraga

et al. [30]; namely, for an arbitrary magnetic field, the fluid
forces plus gravity can be larger than the Lorentz force, i.e.,
fc ∼ fn ∼ ðlc=lBÞfB (as explicitly demonstrated in [30]),
where we introduced a length scale

lc ≡ −½d lnðnc=nbÞ=dr�−1 ð62Þ
with the baryon number density nb ¼ nn þ nc.
Equation (62) generally satisfies lc ≳ lB as the radial
profiles ncðrÞ and nnðrÞ, although not identical, exhibit
similar smooth decreases over a typical length scale
∼lc ∼ Rcore. Taking this into account, a better estimate
of the ambipolar diffusion velocity is

vad ∼
fn

γnpncnn
∼
lc

lB

fB
γnpncnn

; ð63Þ

and, as shown in Ref. [44], the neutron velocity can be
estimated as

vn ∼
lc

lB

fn
γnpncnn

∼
lc

lB
vad: ð64Þ
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Thus, by substituting Eqs. (63) and (64) into Eq. (59), we
obtain a more accurate estimate,

tB ∼
�
lB

lc

�
2

tad ∼
4πγnpncnnl4

B

l2
cB2

∼ 5.6 × 103
�

T
109 K

�
2
�

B
1015 G

�
−2

×

�
lB

2 km

�
4
�

lc

10 km

�
−2

yr: ð65Þ

I. Axially symmetric magnetic field

We consider an axially symmetric magnetic field, which
can be written as

B ¼ ∇α × ∇ϕþ β∇ϕ; ð66Þ

where the scalar potentials αðr; θ; tÞ and βðr; θ; tÞ generate
the poloidal (meridional) and toroidal (azimuthal) magnetic
field components, respectively. Here, r is the radial
coordinate, and θ and ϕ are the polar and azimuthal angles,
respectively, so ∇ϕ ¼ ϕ̂=ðr sin θÞ, where ϕ̂ is the unit
vector in the ϕ direction. The functions αðr; θ; tÞ and
βðr; θ; tÞ are known as the poloidal flux and poloidal
current functions, respectively, because 2παðr; θ; tÞ is the
magnetic flux and cβðr; θ; tÞ=2 is the electric current
enclosed by an azimuthal circle at given r and θ. The
curves α ¼ const are the poloidal magnetic field lines.
We note that GR effects are not considered here, so

eΦðrÞ=c2 ¼ eΛðrÞ ¼ 1 and b∇ → ∇, consistent with the
assumption adopted in Sec. II E.
The Lorentz force has poloidal and toroidal components,

which read

f polB ¼ −
Δ�α∇αþ β∇β
4πr2sin2 θ

; ð67Þ

f torB ¼ ∇β × ∇α
4πr2sin2 θ

: ð68Þ

Here,

Δ� ≡ r2sin2θ∇ ·

�
1

r2sin2 θ
∇
�

¼ ∂
2

∂r2
þ sin θ

r2
∂

∂θ

�
1

sin θ
∂

∂θ

�
ð69Þ

is the “GS operator.” In axial symmetry, there is no pressure
gradient or gravitational force available to balance the
Lorentz force in the azimuthal direction. Therefore, a
necessary condition for hydromagnetic equilibrium is that
the toroidal magnetic force must vanish at all times,
f Btor ¼ 0. Thus, from Eq. (68), ∇αk∇β, so one potential
is (at least locally) a function of the other, β ¼ βðαÞ. As a

consequence, Eq. (67) can be simplified as

f polB ¼ −
Δ�αþ ββ0

4πr2 sin2 θ
∇α: ð70Þ

(Here and below, primes denote derivatives with respect
to α.)

III. NUMERICAL METHOD

A. Artificial friction method

For a given initial magnetic field configuration and a
specified EoS, the system of Eqs. (18)–(23) and (27)–(28)
allows for the calculation of vpoln and vpolad using the method
proposed by Gusakov et al. [39] and then improved by
Ofengeim and Gusakov [34]. However, enforcing the
nonpenetration boundary condition,

vad · r̂jr¼Rcore
¼ vn · r̂jr¼Rcore

¼ 0; ð71Þ

is not trivial in this approach. To satisfy this condition, the
initial magnetic field configuration must be carefully
constructed so that the resulting velocity fields inherently
respect the boundary condition, serving as a natural
consistency requirement. In some simple cases, such
configurations can be determined for a given EoS.
Furthermore, in this approach vn depends on several spatial
derivatives of the Lorentz force, which makes this scheme
very challenging to implement numerically in order to
evolve the magnetic field in time.
To avoid these difficulties, we use the artificial friction

method originally implemented for NS cores in
Refs. [35,41] in one-dimensional simulations, then in axial
symmetry in Refs. [40] and [30], and recently validated in
Ref. [44]. This method allows to self-consistently determine
the chemical potential perturbations and the velocity fields
once a magnetic field configuration has been specified.
In this approach, a modified net force balance is

introduced:

f c þ f n þ fB − ζnnvn ¼ 0; ð72Þ

where we have included an artificial force −ζnnvn acting
on the neutrons, parametrized by the small artificial friction
coefficient ζ. This force helps to mimic the short-term
dynamics driven by inertial terms in the Euler equations,
effectively filtering out Alfvén waves and allowing for the
relaxation of nonequilibrium poloidal-toroidal configura-
tions [i.e., those that do not satisfy β ¼ βðαÞ; see Sec. II I]
into equilibrium states over an effective Alfvén time scale,

tζB ∼
lB

vn
∼
4πnnl2

Bζ

B2
: ð73Þ

This scheme offers several advantages: It not only
enables one to self-consistently solve for the velocity
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fields, but also allows one to enforce the nonpenetration
boundary condition at each integration time step.
Moreover, it has been shown to converge to the analytical
solution derived by Ofengeim and Gusakov [34] in the limit
ζ → 0 (ζ ≪ ncγnp; see, e.g., Ref. [44]).

B. Numerical implementation

The numerical implementation is divided into three
steps: First, we solve a boundary value problem to
determine the scalar functions χc and χn, which allows
us to compute the ambipolar velocity drift vad and the
neutron velocity vn for a given magnetic field configuration
Bðt�Þ at a given time t�. Second, we integrate the induction
equation to evolve the magnetic field in time, updating
Bðt�Þ → Bðt� þ ΔtÞ. Finally, we repeat the process using
the updated magnetic field configuration, Bðt� þ ΔtÞ,
closing the iterative loop.
The first step is done by substituting the expressions for

vn [Eq. (72)] and vad [Eq. (48)] into the continuity
equations [Eqs. (51) and (52)], namely,

∇ · ðnnμ∇χn þ ncμ∇χcÞ ¼ ∇ · fB; ð74Þ

∇ · ½ncμ∇χn þ gðζÞncμ∇χc� ¼ ∇ · ½gðζÞfB�; ð75Þ

where

gðζ; rÞ ¼ ζ

γnpnn
þ nc
nn

: ð76Þ

This is a set of parabolic equations for χcðr; θÞ and χnðr; θÞ
for a given magnetic field configuration (which determines
the right-hand side of both equations). It is supplemented
with the constraint of neutron and charged-particle number
conservation [Eqs. (16) and (17)] and with the nonpenetra-
tion boundary conditions [Eq. (71)], which read

∂χc
∂r

����
r¼Rcore

¼ fB
ncμ

· r̂

����
r¼Rcore

; ð77Þ

∂χn
∂r

����
r¼Rcore

¼ 0: ð78Þ

At each time step, this system is solved through a finite-
difference method and the velocity fields are evaluated
from Eqs. (48) and (72).
The time evolution of the magnetic field is performed

using a conservative approach for the toroidal component,
i.e., employing a finite-volume scheme to evolve β. For the
poloidal component, i.e., to evolve α, the time derivative is
calculated using a finite-difference method, ensuring sec-
ond-order accuracy in time. This approach guarantees that
the solenoidal condition ∇ · B ¼ 0 is satisfied up to
machine precision throughout the entire simulation.

For simplicity, we model the crust as a vacuum (or
perfect resistor) when specifying the boundary condition
for the magnetic field. This assumption leads to a current-
free condition (∇ × B ¼ 0) in that region, allowing the field
to be expressed as a multipolar expansion. In our simu-
lations, we truncate this expansion up to lmax ¼ 40 multi-
poles to ensure convergence (see, e.g., Ref. [44] for details).
Note that this boundary condition implies that the currents
in the crust dissipate instantaneously. As a result, the
magnetic field outside the core adjusts immediately, accel-
erating the overall evolution. Our setup should therefore be
interpreted as representing the fastest possible magneto-
thermal evolution for a magnetic field that penetrates both
the core and the crust (see the discussion in Sec. VI).
The code used in this work is the same as in Ref. [30],

designed to evolve the magnetic field under axial symmetry
within the Newtonian gravity framework. Earlier versions
of this code can be traced back to Refs. [40,42]. For more
details on the numerical methods, we refer the interested
reader to these references.

C. Code units

The code is written in dimensionless units according to
Table I. Figure 1 shows all the background relevant radial
functions in dimensionless units. For the time scales, we
use as a reference the expressions

TABLE I. Summary of the code units, showing the normali-
zation of the different variables, their notations, and physical
values obtained from the HHJ EoS for an NS that has
a total radius R ¼ 12.2 km, a core radius Rcore ¼ 11.2 km,
and a total mass M ¼ 1.4M⊙. Here, the free parameters are
the initial rms magnetic field strength, Binit ¼ hBðt ¼ 0Þirms≡
½ðRVcore

B2dVÞ=Vcore�0.5, and the temperature, T, which are needed
to recover the physical units from the simulation output. The
notation Binit;15 denotes Binit=1015 G and the subscript 0 indicates
evaluation at the stellar center, i.e., nc0 ≡ ncðr ¼ 0Þ and
γnp0 ≡ γnpðr ¼ 0Þ.
Variable Normalization Value

B Binit � � �
lc;lB; r Rcore 11.2 km
α BinitR2

core 1.2 × 1027Binit;15Gcm2

β BinitRcore 1.1 × 1021Binit;15Gcm
γnp γnp0 1.13 × 10−44T2

9 gcm3 s−1

nc, nn nc0 4.2 × 1037 cm−3

δμj B2
init

4πnc0
1.9 × 10−9B2

init;15 erg

t 4πγnp0n2c0R
2
core

B2
init

1.0 × 107B−2
init;15T

2
9 yr

ζ nc0γnp0 4.7 × 10−7T2
9 gs−1

EB B2
initR

3
core

6
2.3 × 1047B2

init;15 erg

Lad; Lcb; LP B4
initRcore

24πγnp0n2c0
7.3 × 1032B4

init;15T
−2
9 ergs−1
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tζB ≡ 4πnn0l2
Bζ

B2
init

; ð79Þ

tad ≡ 4πγnp0nc0nn0R2
core

B2
init

�
lB

Rcore

�
2

: ð80Þ

In dimensionless code units of Table I, these time scales are
given by

tζB ¼ tad
ζ

nc0γnp0
; ð81Þ

tad ¼
nn0
nc0

�
lB

Rcore

�
2

¼ 0.684: ð82Þ

To derive (82) we set lB=Rcore ≈ 1=4. The results in
Secs. IVand V will be presented in code units and physical
units, respectively.

D. Initial magnetic field configurations

Figure 2 and Table II illustrate and provide details of the
different initial magnetic field configurations used in our
simulations. We evolve three distinct large-scale poloidal
magnetic configurations: two dipolar (models A and B) and
one consisting of a dipole and a quadrupole component
contributing 30% and 70%, respectively, of the poloidal
magnetic energy (model C0). The latter is further evolved
with varying ratios of initial toroidal to total magnetic
energy, denoted as C04, C06, and C08. All simulations are
run using the same radial and angular resolution, namely, a
grid with Nr ¼ 60 radial points and Nθ ¼ 90 angular
points, and a value of ζ=ðncγnpÞ ¼ 10−4.

IV. MAGNETIC FIELD EVOLUTION AT
CONSTANT TEMPERATURE

In this section, we discuss our simulations of the magnetic
evolution of an NS core influenced by ambipolar diffusion
with time-independent friction coefficients γnp and ζ, that is,
effectively at constant temperature. This problem has been
extensively studied within the two-fluid model in axial
symmetry in [40]. Here, we highlight the main aspects of

FIG. 2. Initial magnetic field configurations given by the
potentials listed in Tables II and III. The lines represent the
poloidal magnetic field, labeled by the magnitude of αinit, while
the colors indicate the strength of the function βinit, which is
related to the toroidal field. These variables are plotted in code
units; see Table I.

TABLE II. Scalar functions αðr; θÞ and βðr; θÞ for the initial
magnetic field configurations used in our simulations. Each
configuration satisfies the normalization conditions hBpol

initi ¼ 1

and hBtor
initi ¼ 1, respectively, where h…i denotes an rms average

over the stellar core. Here, P1
lðcos θÞ is the associated Legendre

polynomial of order l with azimuthal index m ¼ 1. The poloidal
flux functions, α, match the core magnetic field with the external
multipolar expansion corresponding to a current-free magnetic
configuration. In particular, α1 and α2 correspond to one of the
simplest types of magnetic field configurations that can be
analytically constructed, subject only to the additional condition
that the azimuthal current density vanishes at the stellar surface,
Jϕðr ¼ R; θÞ ¼ 0 (see, e.g., Refs. [61] and [62]). The magnetic
field configuration corresponding to α4 is more constrained, also
satisfying the nonpenetration condition for the ambipolar and
neutron velocity at the crust-core interface, Eq. (71) (see Ref. [34]
for more details).

Poloidal flux function

Abbreviation αðr; θÞ
α1 −1.34r2ð1 − 6

5
r2 þ 3

7
r4ÞP1

1ðcos θÞ sin θ
α2 −1.24r3ð1 − 10

7
r2 þ 5

9
r4ÞP1

2ðcos θÞ sin θ
α3

ffiffiffiffiffiffi
0.3

p
α1 þ

ffiffiffiffiffiffi
0.7

p
α2

α4 ð2.05r2 − 5.20r4 þ 5.80r6 − 3.10r8 þ 0.65r10Þ
P1
1ðcos θÞ sin θ

Poloidal current function

Abbreviation βðr; θÞ
β1 112.54r5ð1 − rÞ2sin2 θ sin ðθ − π

5
Þ

TABLE III. Initial magnetic field models used in our simu-
lations. The poloidal flux and current functions are provided in
Table II. Here, Etor

B =Etotal
B is the initial toroidal energy fraction.

Some of these models are shown in Fig. 2.

Model
Poloidal

flux function
Poloidal current

function Etor
B =Etotal

B

A α1 0 0
B α4 0 0
C0 α3 0 0
C04

ffiffiffiffiffiffi
0.6

p
α3

ffiffiffiffiffiffi
0.4

p
β1 0.4

C06
ffiffiffiffiffiffi
0.4

p
α3

ffiffiffiffiffiffi
0.6

p
β1 0.6

C08
ffiffiffiffiffiffi
0.2

p
α3

ffiffiffiffiffiffi
0.8

p
β1 0.8

MAGNETOTHERMAL EVOLUTION OF NEUTRON STAR … PHYS. REV. D 112, 083022 (2025)

083022-11



this evolution, particularly how themagnetic field rearranges
itself towards a final equilibrium state.
Figure 3 illustrates the evolution of the most general

magnetic field configuration simulated, i.e., a mixed
poloidal and toroidal magnetic field, in this case, model

C04 (although the evolution is very similar for C06 and
C08, which are not shown here).
Initially, the system evolves through a short-term

dynamical phase driven mostly by the presence of a
nonequilibrium toroidal magnetic field (∇α ∦∇β, thus
f torB ≠ 0). The unbalanced toroidal Lorentz force generates
strong toroidal fluid motions, vtor

n , which are counteracted
by the fictitious friction force −ζnnvn. These opposing
forces persist until the system gradually settles into a
toroidal hydromagnetic equilibrium state, where f torB ¼ 0
throughout the core, on a characteristic time scale of ∼tζB.
At the end of this initial phase, the condition ∇αk∇β is

satisfied since f torB ¼ 0, meaning that one potential becomes
(at least locally) a function of the other, β ¼ βðαÞ. As a result,
β becomes constant along each poloidal field line (at which
α ¼ const). Additionally, due to the imposition of a current-
free field outside the core, β must vanish along all open field
lines that extend beyond the core, thereby confining the
toroidal magnetic field to regions with closed poloidal field
lines, reaching the “twisted-torus” configurations expected in
axially symmetric hydromagnetic equilibria [25,63], as seen
in the sequence of snapshots of the magnetic field in Fig. 3.
In a real NS, the previous process should be identified

with the Alfvén time scale tAlf . However, here, we introduce
the artificial friction force that mimics this process, and the
effective Alfvén time corresponds to tζB. In doing so, we
adjust the ratio of time scales tζB∶ tad to a feasible value,
though not a realistic one, allowing us to efficiently study
ambipolar diffusion while using a reasonable amount of
computational resources. To achieve this, the fictitious
friction parameter introduced in Eq. (72) must satisfy
ζ ≪ γnpnc, so that a net force imbalance on a fluid element
is reduced by bulk motions (with velocity vtor

n ) much more
quickly than an imbalance of the partial forces
on the charged-particle component is reduced by ambipolar
diffusion (with relative velocity vad). This is well
satisfied for the value we set for our simulations, namely,
ζ=ðnc0γnp0Þ ¼ 10−4, for which tζB∶ tad ¼ 1∶10000.
After this initial short-term dynamics, the long-term

evolution driven by ambipolar diffusion takes over. In the
two-fluidmodel, the background density profiles of neutrons,
nnðrÞ, and charged particles, ncðrÞ, differ, and the combined
motion of both components is strongly constrained by
buoyancy forces. In our formalism, this is manifested by
the fact that vn and vc have to satisfy different continuity
equations [Eqs. (51) and (52)], so thevelocity fields cannot be
equal. As a result, the relativemotion between the two species
naturally arises (ambipolar diffusion), whose magnitude is
inversely proportional to the collision coefficient: vad ∝ γ−1np.
Nevertheless, the bulk velocities,vn andvc, remain similar to
each other and therefore substantially larger than their differ-
ence, vad, as seen in the snapshots for vn and vad in Fig. 3,
accelerating the motion with respect to the popular approach
in which the motion of the neutrons (or the bulk baryon
motion) is neglected.

FIG. 3. Magnetic evolution at constant temperature
for model C04 with ζ=ðnc0γnp0Þ ¼ 10−4, corresponding to
tad=tζB ¼ 10000. All panels are meridional cross sections of
the star. Rows (a), (b), (c), and (d) correspond to different times,
t ¼ 0; tζB; 10tζB, and tad, respectively. In each row, the five panels
display, from left to right: the magnetic field configuration, where
lines represent the poloidal magnetic field, labeled by the
magnitude of α, and colors represent the potential associated
to the toroidal field, β; the poloidal component of the neutron
velocity field, vn; the poloidal component of the ambipolar
velocity field, vad; the chemical potential perturbation of the
charged particles, χc; and the chemical potential perturbation of
the neutrons, χn. All quantities are given in code units, as defined
in Table I.
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The evolution proceeds until a final equilibrium state in
which all velocities vanish, i.e., vn ¼ vc ¼ vad ¼ 0. At
this point, the poloidal Lorentz force is balanced by the
pressure plus gravity force on the charged particles,

f polB ¼ ncμ∇χc; ð83Þ
while the neutrons reach diffusive equilibrium, i.e.,

∇χn ¼ 0: ð84Þ

In this equilibrium state, the magnetic field configuration is
a solution of the “GS equation” [64,65],

Δ�αþ β
dβ
dα

þ 4πr2sin2 θncμ
dχc
dα

¼ 0; ð85Þ

which is obtained using the condition β ¼ βðαÞ, along with
Eqs. (67) and (83).
Figure 4 shows how the ratios of the rms average of the

forces f c and f n to the poloidal Lorentz force f polB evolve in
time. While hf ci=hf polB i converges to unity for all the
models as they settle into the final equilibrium state,
hf ni=hf polB i becomes progressively smaller, consistent with
Eqs. (83) and (84), respectively. On the other hand, row
(d) in Fig. 3 illustrates how χn becomes uniform in the later
stages of evolution, while the velocity fields have signifi-
cantly diminished compared with the initial state in row (a),
indicating an approach to equilibrium.
In terms of magnetic energy dissipation, Fig. 5 shows that

for the purely poloidal models A, B, and C0, Lad is the main

source of magnetic dissipation. In contrast, for model C04 (as
well asC06andC08, not shownhere), the initial dissipation is
dominated by artificial friction, Lζ ≡ R

Vcore
ζnnv2

n (see the
caption of Fig. 5), until the toroidal field relaxes into
equilibrium. After this phase (t≳ 10tζB), ambipolar diffusion
takes over as the primary dissipation mechanism. This
behavior is expected: purely poloidal fields exhibit little
evolution at t≲ tζB, unlike mixed poloidal-toroidal configu-
rations, where the early dynamics corresponds to the relax-
ation of an initially out-of-equilibrium toroidal component. It
is an interesting fact thatmodel A is extremely close to theGS
equilibrium as it requires a very small dissipation in terms of
Lad, and most of the field rearrangement comes from small

FIG. 4. Ratios of the rms values of the different forces,
hf ni=hf polB i and hf ci=hf polB i, for models A (solid blue), B (dashed
red), and C0 (dash-dotted orange). The vertical dashed lines
indicate, from left to right, the time scale tζB and tad, respectively.
The rms averages, denoted by hi, are computed over the core’s
volume.

FIG. 5. Magnetic energy dissipation for models A, B, C0, and
C04 shown from top to bottom, respectively. The plot shows all the
dissipation terms given in Eq. (53), including the dissipation due to
the artificial friction force, which appears as−Lζ on the right-hand
side, with Lζ ≡

R
Vcore

ζnnv2
ndV, when this force is included. The

curves correspond to: the power released per unit ln t due to the
ambipolar heating, −Ladt (light blue, solid circular markers); the
artificial friction dissipation,−Lζt (orange, cross markers); the net
Poynting flux from the crust (modeled as a vacuum) to the core,
−LPt (green, left oriented triangular markers); the terms Ėct (red,
star markers) and Ėnt (brown, squared markers), respectively; the
total time derivative of the magnetic energy inside the core,
ðdEB=dtÞt (black, up pointing triangular markers), and the
combination−ðLHν þ Lζ þ LP þ Ėc þ ĖnÞt (pink, “x”markers),
which is used to check energy conservation, as it should be equal to
ðdEB=dtÞt. Markers are shown at a few illustrative positions along
the curve (due to the logarithmic scale) and should not be
interpreted as discrete data points. The vertical dashed lines
indicate, from left to right, the time scale tζB and tad, respectively.

MAGNETOTHERMAL EVOLUTION OF NEUTRON STAR … PHYS. REV. D 112, 083022 (2025)

083022-13



changes in the field lines along the crust-core interface, as
indicated by the relatively large Poynting flux. This magnetic
field configuration can be traced back to [61] and is one of the
simplest axially symmetric configurations constructed by
imposing regularity, requiring zero toroidal current density at
the crust-core interface, and matching to an exterior dipole
field at this boundary.
Although the initial ratio Etor

B =Epol
B varies among these

models, it consistently settles to≲0.1 at t ∼ 0.1tad [see Fig. 6
(c)], in agreement with previous studies that solved the GS
equation directly and were unable to find configurations with
a larger ratio (e.g., [62] and references therein). While the
poloidal magnetic energy stabilizes at an equilibrium value at
about the same time [see panel (a)], the toroidal energy
continues to decay, albeit at a slower rate beyond that point
[see panel (b)]. By t ∼ 0.1tad, the GS equilibrium is practi-
cally achieved, fluidmotions have slowed down substantially,
and no significant evolution of the magnetic field (either
poloidal or toroidal) is expected. In this respect the continued
decay ofEtor

B at late times appears to be due to noisy structures
near the torus boundary in vtor

n at this stage, which were also
reported inRef. [30].However, this numerical artifact remains
localized and stable in time, so it should not affect the main
conclusions of this work. Specifically, regarding the thermal
evolution (see Sec. V B), these noisy structures can influence
it only through artificial friction dissipation, quantified byLζ,
which is relevant for mixed poloidal-toroidal configurations
(see again Ref. [30]). The effect arises because the structures
near the torus boundary affect the computation of

Ltor
ζ ¼

Z
Vcore

ζnnvtor
n · vtor

n dV; ð86Þ

where vtor
n ∝ ∇α × ∇β. In principle, this term should vanish

at long times (t≳ tζB) as β ¼ βðαÞ. The persistence of the
noisy structures, however, prevents complete cancellation, as
illustrated in model C04 in Fig. 5, where Lζ dominates again
at later times (t≳ tad). This effect arises only very late in the

evolution, after ambipolar diffusion has ceased, and therefore
Lζ will not play a significant role in the thermal evolution.
We end this section by remarking that here, as in

Refs. [40,44], we tested several initial magnetic field
configurations beyond those shown here, all of which
evolve toward a final GS equilibrium state.

V. MAGNETOTHERMAL EVOLUTION

The results presented in the previous section are unphys-
ical in the sense that the thermal evolution is not considered
and the collision coefficient γnp remains constant, although
in reality it depends on time via the core temperature. In this
section, we address the thermal evolution by applying the
same procedure as used by Moraga et al. [30] in the strong-
coupling regime. In that work, the results obtained at
constant temperature were extended to the case where
the temperature evolves through a temperature-dependent
reparametrization of the time variable.

A. Time reparametrization

We start by noting that the system of equations (46)–
(48), and (50)–(52), along with (72), which describe the
evolution of the magnetic field, remains invariant under the
change of variables

dt ¼ γnpðtÞ
γnp

0 dt0; ð87Þ

vad ¼
γnp

0

γnpðtÞ
vad

0; ð88Þ

vn ¼
γnp

0

γnpðtÞ
v0
n; ð89Þ

ζðtÞ ¼ γnpðtÞ
γnp

0 ζ0; ð90Þ

FIG. 6. Evolution at constant temperature for the different initial magnetic field configurations corresponding to models C0 (solid
blue), C08 (dotted orange), C06 (dashed-dotted green), and C04 (dashed red) listed in Table III, with ζ ¼ 10−4, showing: (a) poloidal
magnetic energy; (b) toroidal magnetic energy, both normalized to their initial values; and (c) the quotient between the toroidal and
poloidal magnetic energy. The vertical dashed lines indicate, from left to right, the time scale tζB and tad, respectively.
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where primed variables (γ0np; t0;v0
n;v0

ad; ζ
0; T 0) correspond

to the previous simulations at an arbitrary constant temper-
ature T 0, while unprimed variables (γnp; t;vn;vad; ζ; T)
take into account the thermal evolution and its effect
on the parameters. We note that, according to Eq. (25),
γnpðtÞ=γ0np ¼ ½T∞ðtÞ=T0

∞�2.
Based on this, our approach is as follows:
(1) We run simulations that evolve the system of

equations (46)–(48), (72), and (50)–(52) using the
artificial friction method at constant temperature
[thus, time-independent γ0npðrÞ and ζ0], calling the
time variable t0.

(2) Then, using these results, we solve the equation for the
temperature [Eq. (38)] as a function of t0, which reads

dT̄
dt0

¼ 1

C0T 0
∞

�
L∞0
ad

T̄
− L∞0

ν T̄9 − L∞0
cb T̄

4δþ1

�
: ð91Þ

Here, we used T̄ ≡ T∞=T 0
∞, where T 0

∞ is a reference
temperature. We also used γnp=γ0np ¼ T̄2 and used
the scaling in Eqs. (87)–(90). As a result, the equilib-
rium neutrino luminosity, ambipolar heating, and
energy flux through the boundary evaluated at the
constant temperature T 0

∞ areL∞0
ν ¼ L̃∞

ν ðT 0
∞Þ8,L∞0

ad ¼
L̃∞
adðT 0

∞Þ−2, and L∞0
cb ¼ L̃∞

cbðT 0
∞Þ4δ, respectively. Ad-

ditionally, we set C0 ¼ C̃T 0
∞.

(3) Finally, we obtain the physical time variable that
includes the effects of the temperature evolution by
integrating Eq. (87). Thus, we can plot any variable
of interest as a function of t, the real physical time.

We note that this method works as there is a single
temperature-dependent parameter, γnp. However, this
approach can introduce errors if the temperature exceeds
the transition value T trans, where nonequilibrium Urca
reactions become relevant. To account for these reactions,
an additional temperature-dependent parameter must be
included—the reaction rate ΔΓ—in which case the time
reparametrization method would no longer be valid.
Therefore, to ensure that our numerical results are sound,
we check that the evolution remains in the weak-coupling
regime.

B. Simulation results and discussion

In this subsection, we analyze the magnetothermal
evolution in the weak-coupling regime by applying the
time reparametrization described in Sec. VA to the sim-
ulations run at constant temperature and discussed in
Sec. IV. We focus on model C0 to analyze the magneto-
thermal evolution as the results for the other models (not
shown here) do not differ substantially. We use Eqs. (A11)–
(A13) to derive the photon luminosity as a function of the
core temperature.
The initial redshifted temperature is set to T∞

init ¼ 109 K.
This choice is justified because the early evolution, prior to

entering the weak-coupling regime (T > T trans), corre-
sponds to the strong-coupling regime, where magneto-
thermal feedback due to nonequilibrium Urca reactions
remains negligible across a wide range of magnetic field
configurations and large magnetic field strengths
(Binit ≳ 1016 G), as shown in [30]. Consequently, the star
undergoes passive cooling during this phase. This passive
cooling period rapidly erases memory of the initial core
temperature once the condition t ≫ tcool is satisfied, where
tcool ¼ 0.22ðT∞

init=10
9 KÞ−6 yr (see, e.g., Ref. [58]).

Therefore, given our choice of T∞
init, this condition is met

within the first ∼0.2 yr of evolution, ensuring that the late-
time thermal and magnetic evolution becomes effectively
insensitive to the precise value of T∞

init. Thus, the con-
clusions drawn from our simulations remain robust against
variations in the initial core temperature.
Figures 7 and 8 illustrate the evolution of all relevant

variables describing the magnetothermal evolution after
applying the time reparametrization procedure for model
C0. The results are shown for three initial rms magnetic

FIG. 7. Magnetothermal time evolution of two relevant vari-
ables after applying the time reparametrization procedure de-
scribed in Sec. VA for model C0 using three different initial rms
magnetic field strengths: 5 × 1015 G (dark blue), 1015 G (blue),
and 1014 G (light blue). Panel (a): evolution of the redshifted core
temperature, T∞, as a function of time. The dotted lines
correspond to the cases with no heating, where the stellar core
cools passively. Panel (b): evolution of the quantity
hΔμ∞i=ðπkBT∞Þ, where hi represents the rms-average.
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field strengths: Binit ¼ 1014; 1015, and 5 × 1015 G. Figure 8
shows that only magnetic fields Binit ≳ 5 × 1015 G can
generate a significant magnetothermal feedback, leading to
a heating-cooling balance (L∞

ad ≈ L∞
ν ). In Fig. 7(a), the

redshifted core temperature stays hotter (but below T trans) at
approximately T∞ ∼ 3 × 108 K for around ∼103 yr, when
L∞
ad begins to decrease significantly, marking the end of the

heating-cooling balance phase when L∞
ad ≪ L∞

ν .

These results can be interpreted through the following
physical considerations and estimates. In the weak-cou-
pling regime, the speed of the magnetic field evolution is
primarily controlled by the temperature dependence of the
collisional coupling between neutrons and protons, γnp ∝
T2 [see Eq. (25)]. At high internal temperatures, the
coupling is strong, causing the ambipolar velocity vad to
be small. As the temperature decreases, vad gradually
increases, allowing the system to approach the GS equi-
librium described in Sec. IV. As ambipolar diffusion
operates, it releases heat into the core, transforming
magnetic into thermal energy through L∞

ad. This heating
mechanism becomes significant for sufficiently strong
magnetic fields, where it can counteract the substantial
energy loss due to intense neutrino emission, delaying the
cooling process. The balance between neutrino luminosity
and ambipolar heating, L∞

ad ≈ L∞
ν , can keep the NS core

roughly at a temperature

Tbal
∞ ∼ 5.2 × 108

�
B

5 × 1015 G

�2
5

×

�
lB

2 km

�
−2
5

�
lc

10 km

�1
5

K: ð92Þ

The corresponding surface luminosity at this temperature
reads [see Eq. (A13)]

L∞
s ∼ 6.7 × 1034

�
B

5 × 1015 G

�
0.75

×

�
lB

2 km

�
−0.75

�
lc

10 km

�
0.38

erg=s; ð93Þ

until the GS equilibrium is reached in a time scale given by
Eq. (65), i.e.,

tB ∼ 1.5

�
B

5 × 1015 G

�
−6
5

�
lB

2 km

�16
5

�
lc

10 km

�
−8
5

kyr: ð94Þ

This can be compared with the time it takes for a star to
passively cool down noticeably, say, to half of the equi-
librium temperature, Tbal

∞ =2,

tcool ∼ 0.22

�
Tbal
∞ =2

109 K

�−6
yr ð95Þ

∼ 7.1 × 102
�

B
5 × 1015 G

�
−12

5

×

�
lB

2 km

�12
5

�
lc

10 km

�
−6
5

yr; ð96Þ

resulting in

FIG. 8. Magnetothermal evolution of the relevant luminosities
for model C0 after applying the time reparametrization procedure
explained in Sec. VA for three different rms initial magnetic field
strengths, and with the initial temperature T∞

init ¼ 109 K. The
curves correspond to the power released by ambipolar diffusion,
L∞
ad (dash-dotted blue), the equilibrium neutrino luminosity, L∞

ν ,
for both the case with ambipolar heating (solid orange) and the
case with no heating (dashed black), and the surface photon
luminosity L∞

s (solid red) and the case with no heating
(dotted red).
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tB
tcool

∼ 2.1

�
B

5 × 1015 G

�6
5

�
lB

2 km

�4
5

�
lc

10 km

�
−2
5

: ð97Þ

Therefore, a magnetic field of order B≳ 5 × 1015 G can
sustain the core temperature at approximately T∞ ∼ Tbal

∞ for
a duration tB, longer than the passive cooling time tcool.
We note that in our equations we neglect the effect of

nonequilibrium reactions, adopting the equilibrium rate of
the neutrino luminosity, L∞

ν , and neglecting the heating
associated with these reactions, L∞

Hν. Such an approxima-
tion is valid while the variable ξ≡ Δμ∞=ðπkBT∞Þ is
≲1 [66,67] (here Δμ∞ ≡ δμ∞c − δμ∞n is the chemical
potential imbalance). Meanwhile, sufficiently strong mag-
netic fields may be associated with the chemical imbalance
being comparable to the stellar temperature. To check the
validity of our approximation, we plot ξ as a function of
time in Fig. 7(b). One can see that for our model and for
Binit ≲ 5 × 1015 G, ξ is never larger than ∼1 throughout the
evolution stage shown in Fig. 8. This justifies our
assumption.2 However, this conclusion may not hold for
stronger magnetic fields. For this reason, we do not model
cases with stronger magnetic fields, for which the neglect
of nonequilibrium Urca reactions would not be justified.
We conclude this subsection by noting that, for

Binit ¼ 5 × 1015 G, all models (not shown here) exhibit a
similar heating-cooling balance, with the exception of
model A. Model A, being very close to the GS equilibrium
(see Fig. 5), dissipates very little magnetic energy through
ambipolar diffusion and therefore does not undergo a
heating-cooling balance phase. Instead, it shows purely
passive cooling.

C. Confronting with observational data

The large quiescent surface x-ray luminosities of some
magnetars provide the most natural context for applying the
problem studied in this work, as originally suggested by
Thompson and Duncan [3,4]. Therefore, in this section, we
confront our results with the available observations.
The results of our simulations are shown in Fig. 9, where

they are compared with the observational data described in
Appendix B and summarized in Table IV.
From Fig. 9, it is clear that only the most strongly

magnetized case (Binit ¼ 5 × 1015 G) produces a noticeable
difference compared with the case without heating, reach-
ing luminosities L∞

s ∼ 3 × 1034 erg s−1 during ∼103 yr.
However, the heating effect is not strong enough to draw
a conclusive distinction, as can be seen in 1E 1547-5408,

where the curves intersect the observational box. Here,
distinguishing between passive cooling and a scenario with
ambipolar heating is not feasible due to uncertainties, since
the observational box encompasses both possibilities.
For ambipolar diffusion to be a viable mechanism to

explain the magnetar population, it would need to operate
on longer time scales (∼104 yr) and dissipate more energy
to reach higher surface luminosities. From Eq. (93), the
latter would require larger magnetic field strengths.
However, since tB ∝ B−2 [see Eq. (65)], the time scale
over which this mechanism operates would drop below
∼103 yr for higher initial field strengths. Therefore, ambi-
polar diffusion, by itself, cannot account for the large
quiescent luminosities observed in magnetars.

VI. CONCLUSIONS

We have modeled the magnetothermal evolution of an
NS core in the weak-coupling regime applicable at rela-
tively low temperatures, T < T trans ≈ 5 × 108 K, including
the thermal evolution, which was not covered in the
previous models of Refs. [40,42]. The latter was included
using the same method applied in Ref. [30] for the strong-
coupling regime, i.e., by starting from the magnetic field
evolution at constant temperature, using this as an input for
the calculation of the thermal evolution, and reparametriz-
ing the time variable to translate these results to the realistic
case of evolving temperature.

FIG. 9. The set of observed cooling NSs (colored boxes)
confronted with the same magnetothermal evolution tracks as
shown in Fig. 7, i.e., for model C0 using the three different initial
rms magnetic field strengths: 5 × 1015 G (solid, dark blue),
1015 G (solid, blue), and 1014 G (solid light blue). For references,
the case without heating (L∞

ad ¼ 0), corresponding to an initial
rms field of 5 × 1015 G is also included (dotted dark blue).
Observational data is listed in Table IV. Box colors show the
dipole magnetic field at the pole; black means that the spindown
estimate for the magnetic field is not available.

2Note, however, that once the star reaches the GS equilibrium,
the chemical imbalance,Δμ∞, remains constant in time, while the
temperature decreases due to stellar cooling. As a result, ξ
increases and eventually exceeds unity [the beginning of this
stage is marked by the rise of the curves at their right-hand sides
in Fig. 7(b)]. Our equations are not valid at this stage, in which
nonequilibrium reactions should be accounted for.
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For not too strong magnetic fields, B≲ 5 × 1015 G, this
scheme is applicable in both the strong-coupling and weak-
coupling limits because in each case the magnetic field
evolution is controlled by a single temperature-dependent
physical process (nonequilibrium Urca reactions and neu-
tron-proton collisions, respectively), which allows the time
intervals to be rescaled by a temperature-dependent factor.
This would not be possible if Urca reactions and collisions
would be considered in the same model, as they have a
radically different temperature dependence.3 Fortunately,
Moraga et al. [30] showed that there is essentially no
magnetic field evolution in the strong-coupling regime,
making it reasonable to ignore the nonequilibrium Urca
reactions in the evolution of the magnetic field and consider
only the weak-coupling regime, as done here. However, for
very strong magnetic fields, Urca reactions and ambipolar
diffusion can become important simultaneously, so we
leave this case for future study.
The simulations were performed in axial symmetry, for

an NS core composed of two fluids (neutrons and charged
particles) coupled by collisions and surrounded by a
nonconducting medium (vacuum or perfect resistor),
including a fictitious friction force that allows the system
to quickly reach a hydromagnetic equilibrium state while
ignoring the inertial terms and the time derivatives in the
particle conservation laws. The latter, commonly known as
the anelastic approximation, is the key difference between
our numerical scheme and that of Ref. [40]. This approach
results in a more efficient numerical method, enabling
us to rescale our results for any initial magnetic field
strength, Binit.
We used a hybrid approach, modeling the thermal

evolution within the framework of GR, while simulating
the magnetic evolution using Newtonian gravity, as GR
corrections are likely to be relatively unimportant in the
latter case.
The main conclusions can be summarized as follows:
(1) In the constant-temperature simulations: we con-

firmed the previous results reported in Ref. [40],
where the long-term magnetic evolution driven by
ambipolar diffusion led the NS core to an equilib-
rium state. This state is characterized by the neutron
fluid reaching diffusive equilibrium, χn ¼ const,
while the Lorentz force balances the pressure and
gravity forces acting on the charged particle fluid,
fB ¼ ncμ∇χc. Consequently, the magnetic field
satisfies the nonlinear GS equation. This was con-
firmed for various initial magnetic field configura-
tions and ratios of toroidal to total magnetic energy.

(2) When the core temperature evolves: ambipolar
heating can effectively counterbalance the immense
energy losses due to neutrino emission, but only for

strong magnetic fields (B≳ 5 × 1015 G) and for a
very short duration (≲1 kyr). The resulting surface
photon luminosities, L∞

s , driven by ambipolar dif-
fusion cannot account for the observed magnetar
population. For this mechanism to be viable, it
would need to dissipate a greater amount of mag-
netic energy than in the case of Binit ¼ 5 × 1015 G
and over a longer time scale.

Finally, we note some issues that were not included in the
present work and should be considered in the future:
(1) We modeled the magnetothermal evolution of an NS

core under the influence of ambipolar diffusion,
aiming to explain the surface luminosity of magnet-
ars while neglecting the effects of the crust. The
latter was achieved by imposing a vacuum boundary
condition on the magnetic field at the crust-core
interface. In this approach, the crust is assumed to
have negligible conductivity, causing currents to
dissipate instantaneously and allowing the magnetic
field outside the core to adjust immediately. This
approach implicitly assumes that the evolutionary
time scale of the magnetic field in the crust is much
shorter than that in the core. However, the shortest
evolutionary time scale in the crust is set by the Hall
effect, which can transfer magnetic energy from
large to small scales, where it is more efficiently
dissipated through Ohmic dissipation. This process
operates on a time scale

tHall ∼
4πncel2

B

cB

∼ 1.7 × 105
�

lB

2 km

�
2

×

�
B

5 × 1015 G

�
−1

yr; ð98Þ

as estimated at the crust-core interface for our stellar
model [74]. This time scale is significantly longer
than the ambipolar diffusion time scales studied in
this work. Consequently, the vacuum boundary
condition is not appropriate for the problem con-
sidered here; instead, a frozen-field condition would
provide a more realistic approximation. Never-
theless, the scenario presented here represents the
fastest possible magnetothermal evolution for a
magnetic field penetrating both the core and the
crust, since a finite crustal conductivity would cause
the magnetic field lines to become partially frozen in
the crust [29], thereby slowing the magnetic evolu-
tion in the core.

(2) The NS core is expected to become both superfluid
and superconducting (for not too strong magnetic
fields) relatively early in its evolution (see, e.g.,
Ref. [20] for a review). This suppresses the inter-
particle collisions [75], an effect that could lead to a

3Extending this approach to cases where Δμ ≳ T would be
similarly infeasible for the same reasons.
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larger ambipolar velocity, and thus potentially
stronger heating during a shorter period. However,
there are some caveats. Neutron superfluidity sup-
presses the number of unpaired neutrons available
for scattering as well. The result of such interplay for
the dissipation rate is not obvious. Moreover, the
formation of a neutron condensate adds a new
degree of freedom, allowing neutrons to smooth
out χn on dynamical time scales [76] so that they
reach diffusive equilibrium, effectively eliminating
ambipolar diffusion in pure npe matter, though the
presence of muons partially restores it. Proton
superconductivity alters the magnetic forces by
introducing buoyancy and tension forces acting on
vortices in type-II superconductors, which must now
be included in the dynamical equations (e.g.,
Refs. [22,23]). Additionally, complex interactions
between particles, neutron vortices, and magnetic
flux tubes arise, leading to intricate dynamical
effects that can strongly influence both the evolution
time scales and the final equilibrium state [21–23].
Recently, numerical simulations have started incor-
porating these effects using simplified models (e.g.,
Refs. [24,77]). However, some of the microphysical
input used in these studies has been subject to
criticism (e.g., Ref. [78]).

(3) Three-dimensional magnetohydrodynamics simula-
tions show that magnetic fields are influenced by
various types of dynamical instabilities. On one side,
it has been theoretically proven that both purely
poloidal and purely toroidal fields are inherently
unstable in three dimensions [79–81]. In addition,
numerical simulations suggest that barotropic stars do
not support stable magnetic equilibria [26,82–85].
Therefore, it remains unclear whether the GS equi-
librium is stable against nonaxisymmetric perturba-
tions. If an instability arises, the characteristic time
when the GS equilibrium is attained would instead
correspond to the onset of the instability. This would
lead to stronger magnetic energy dissipation and a
more complexmagnetothermal evolution than the one
studied here.

(4) In this work, we adopted the isothermal approxi-
mation, which holds in the absence of internal
heating sources, as the core’s high thermal conduc-
tivity allows temperature gradients to relax on a time
scale∼100 yr. When heating sources are present, we
can estimate the maximum possible heat flux on a
global stellar scale within the core as ∼κR2

core∇T,
where κ is the thermal conductivity in the core (see,
e.g., Ref. [86]). The temperature T is constrained by
neutrino emission and is unlikely to exceed a few
times 109 K in any particular region of the star.
Thus, we can estimate κR2

core∇T ∼ 1037 erg=s. This
flux efficiently redistributes the dissipated magnetic

energy throughout the core as long as the latter
remains below this limit. This is the case for
magnetic fields Binit ≲ 1015 G, as ĖB ≈ −L∞

ad (see
Fig. 8). Conversely, if the dissipated energy exceeds
this threshold, most of the energy will be radiated
away as neutrinos from the region where the
magnetic field is localized, while the rest of the star
will be heated at a more moderate rate of
∼1037 erg=s. Consequently, temperature gradients
could be present in such case. However, our calcu-
lations should still remain qualitatively valid and the
obtained surface temperature constitutes an upper
limit.

(5) Including additional particle species, such as muons
(μ), is nontrivial, as it substantially alters the
dynamical equations to be solved. Specifically, it
introduces an additional Euler and continuity
equation, along with extra collisional couplings
(γμj, with j ¼ n, p, e), making the charged-particle
component nonbarotropic. As a result, the equilib-
rium configurations become less constrained and do
not necessarily correspond to the GS equilibrium.
Consequently, the presence of muons could have a
significant impact on the magnetic evolution of NS
cores. The inclusion of muons will be presented in a
future publication.

(6) We adopted the drag coefficient γnp from Ref. [87].
This was shown to be overestimated by a factor of
about 3 by Dommes et al. [53]. Aweaker interaction
implies that the same amount of energy will be
dissipated in a shorter time. This difference does not
affect our main conclusions.
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APPENDIX A: ENVELOPE MODEL

Beneath the stellar atmosphere lies a thin layer called the
envelope, where the steepest temperature gradient is found
(see, e.g., Ref. [88] for a review and references). This
region has a very short thermal relaxation time scale ∼1 yr.
Also, an outer part of the envelope is not strongly
degenerate; therefore, the EoS is not barotropic there. As
a result, it is computationally expensive to solve the
magnetothermal evolution in this region in detail, coupled
to the core evolution. The numerical codes that treat the
thermal evolution in the core, crust, and envelope of an NS
coupled together (e.g., Ref. [89]) can be useful for studying
short-scale processes like superbursts (e.g., Refs. [90,91]),
but in the present paper we are interested in much longer
time scales. Therefore, we adopt the common approach
[92], which relies on stationary envelope models to derive a
relationship between the temperature Tb at the bottom of
the envelope and the effective surface temperature Ts.
Moreover, we also neglect temperature variability of the
inner crust, which has a time scale ∼100 yr [93], and
assume that the redshifted temperature T∞ ≡ TeΦðrÞ=c2 in
the core equals T∞;b ≡ TbeΦb=c2 , where Φb ¼ ΦðrbÞ is the
gravitational potential at the bottom of the envelope. We
also neglect the neutrino emission from the inner crust,
which is justified by its weakness compared with the
neutrino emission from the NS core. This approximation
allows us to neglect the difference between the heat flux
through the inner boundary of the envelope Lb and the heat
flux through the core boundary Lcb, which is needed to
solve Eq. (36).
By definition, the effective surface temperature Ts is

related to the photon flux density Fs through the radiative
surface of the NS by Stefan’s law,

Fs ¼ σSBT4
s ; ðA1Þ

where σSB is the Stefan-Boltzmann constant. If a strong
nonuniform magnetic field is present, Ts varies over the
surface, and the total photon luminosity is given by the
integral

Ls ¼
Z
S
FsdS ðA2Þ

over the radiative surface S.
A conventional approach to obtaining the boundary

conditions to the heat balance equation (36) consists in
solving the simple equation

d lnT
d lnP

¼ Fr

T
P
gϰρ

; ðA3Þ

where Fr is the thermal flux density toward the NS surface,
g ¼ ð1 − 2GM=Rc2Þ−1=2GM=R2 is the local gravity at the
surface, and ϰ is the effective thermal conductivity. In a

strong magnetic field (B≳ 1012 G), the latter is defined as
ϰ ¼ ϰkcos2 θB þ ϰ⊥sin2 θB, where ϰk and ϰ⊥ are the main
components of the conductivity tensor along and across the
magnetic field B, and θB is the angle between B and normal
to the surface. Equation (A3) follows from the Tolman-
Oppenheimer-Volkoff equations by neglecting the varia-
tions of the metric functions Λ and Φ inside the envelope
and is justified by the smallness of the envelope’s thickness
and mass, whose lower boundary is usually taken at the
mass density ρb ¼ 1010 g cm−3, following Ref. [92] (see
also Ref. [88] and references therein). However, as sug-
gested by Potekhin and Yakovlev [94] and confirmed by
Potekhin et al. [95], such a shallow envelope depth may be
insufficient in strong magnetic fields B≳ 1015 G because
significant temperature variations can occur at higher
densities in this case. Therefore, we shift the envelope
boundary deeper and solve the heat transport equations

d lnT
d lnP

¼ Fr

T
P
gϰρ

1

KhKg
−

dΦ
d lnP

; ðA4Þ

1

r2
dðr2FrÞ
d lnP

¼ PQν

ρg
1

KhKg
− 2Fr

dΦ
d lnP

; ðA5Þ

coupled to the mechanical structure equations

dΦ
d lnP

¼ −
P
ρc2

1

Kh
; ðA6Þ

dr
d lnP

¼ −
P
ρg

Kr

KhKg
; ðA7Þ

dm
d lnP

¼ −
4πr2P

g
Kr

KhKg
: ðA8Þ

Here, g ¼ Gm=ðr2KrÞ, while

Kr¼
�
1−

2Gm
rc2

�1
2

; Kh¼1þ P
ρc2

; Kg¼1þ4πr3
P
mc2

ðA9Þ

are GR corrections to the radius, enthalpy, and surface
gravity, respectively (cf. [56]). The boundary conditions
at the surface are T ¼ Ts, Fr ¼ Fs [Eq. (A1)],
Φ ¼ ð1=2Þ lnð1 − 2GM=Rc2Þ, r ¼ R, and m ¼ M.
The mass density ρ on the right-hand sides of these

equations is given by the EoS, and ϰ is calculated as a
function of ρ, T, B, and θB, as described in Ref. [96]. The
EoS of the envelope is calculated following Ref. [97] and
adopting the ground-state composition provided by the
BSk24 model of Pearson et al. [98]. The value of P at the
surface is obtained following Ref. [92] from the equation
given by the Eddington approximation to the radiative
transfer problem, P ¼ ð2=3Þg=κr, where κr is the radiative
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opacity. The latter includes contributions due to free-free
transitions and scattering. The calculation of κr as a
function of ρ, T, B, and θB is mainly based on
Ref. [99], but includes the updates due to the Compton
scattering and electron-positron pairs at high temperatures
(see Ref. [89]).
In the traditional approach [92], one neglects Qν and

approximately sets Kg ¼ Kh ¼ 1, Φ ¼ const, and
Fr ¼ const. Then, the temperature profile (i.e., T as a
function of P, B, and θB) is given by Eq. (A3). In this
approximation, Lb ¼ Ls. In the general case, however,
Lb ≠ Ls. In particular, Fb becomes much larger than Fs

at high Tb ≳ 109 K because of the Qν contribution in
Eq. (A5). We determine both Fb and Fs as functions of Tb,
B, and θB by solving the system of equations (A4)–(A8),
using the classical fourth-order Runge-Kutta method with
an adaptive step in P and controlled accuracy.
Previous studies of the thermal structure of NS envelopes

have treated convection differently: some (see, e.g.,
Refs. [99,100]) applied the Schwarzschild criterion, valid
in the absence of strong magnetic fields, while others (e.g.,
Ref. [96]) assumed convection was entirely suppressed by
strong magnetic fields. In this work, we adopt a modified
Schwarzschild criterion following Gough and Tayler [101],
which accounts better for the magnetic field’s influence on
the onset of convection.
We have computed the tables of Ts and Fb as functions

of Tb and B at θB ¼ 0 and at θB ¼ π=2. To obtain Ls and
Lb, we integrate Fs and Fb over the surface, using an
interpolation in these tables at arbitrary θB with the fit [99]

Fs;bðθBÞ ¼
�
Fp
s;bð0Þcos2θB þ Fp

s;b

�
π

2

�
sin2θB

�1
p

;

p ¼ 1þ ½Fsðπ=2Þ=Fsð0Þ�18: ðA10Þ

In superstrong magnetic fields (B≳ 1012 G),
Fsðπ=2Þ ≪ Fsð0Þ. In this case, p ≈ 1, and Eq. (A10)
reduces to the approximation of Greenstein and Hartke
[102]. This limit corresponds to the ground-state, fully
catalyzed, or nonaccreted (Fe-composition) envelope,
which is expected to be realistic for magnetars, as they
are young and hot objects.
Figure 10 presents the results of the calculation

procedure described above for a fixed angle between
the magnetic field lines and the surface normal,
cos θB ¼ 0.5. To obtain these results, we rescaled the
stellar mass and radius to our HHJ EoS so that the
envelope is compatible with our stellar model (see
Sec. II A).
Figure 11 shows the surface magnetic field components

Bs
r and Bs

θ, along with cos θB as functions of the polar angle
for our initial magnetic field model C0. Additionally, it
shows the surface temperature obtained after applying the
procedure described above for an rms magnetic field
strength of Brms ¼ 5 × 1015 G. The influence of a strong
magnetic field on the heat conduction within the envelope
is clear. The regions where the field lines are perpendicular
to the surface normal become thermally insulated, while
areas where the field lines are parallel to the normal remain
thermally connected to the core.
Figure 12 displays the logarithm of the total surface

photon luminosity, logL∞
s , as a function of the logarithm of

the blanket (crust-core interface) temperature, logT∞;b, for
different rms magnetic field strengths. A linear fit in these
variables yields the following relations (with L∞

s in erg=s
and T∞;b in K):

logL∞
s ¼ 2.06 logT∞;b þ 16.48 for Brms ¼ 1014 G;

ðA11Þ

FIG. 10. Interpolated heat-blanket calculation results for the HHJ EoS at a fixed angle θB between the magnetic field vector, B, and the
surface normal, given by cos θB ¼ 0.5. The results are shown for different magnetic field strengths: B ¼ 1014 G (dash-dotted), 1015 G
(dashed), and 5 × 1015 G (solid). Left panel: effective surface temperature, Ts, as a function of the temperature at the base of the heat-
blanketing envelope, Tb. Right panel: Logarithm of the photon surface luminosity, Ls (grey), and total heat flux at the base of the
envelope, Lb (blue), as functions of Tb.
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logL∞
s ¼ 1.93 logT∞;b þ 17.75 for Brms ¼ 1015 G;

ðA12Þ

logL∞
s ¼ 1.88 logT∞;b þ 18.44 for Brms ¼ 5 × 1015 G:

ðA13Þ

As shown in Fig. 12, these linear fits are valid for
Tb < 109 K, where Lb ≈ Ls, as discussed above. As
explored in Sec. V B, this condition holds in our case.
In this regard, in all numerical calculations we set
L∞
cb ¼ L∞

s for simplicity. This means that the exponents

in Eq. (91) are given by 4δ ¼ 2.06, 1.93, and 1.88,
corresponding to Brms ¼ 1014; 1015, and 5 × 1015 G,
respectively [cf. Eqs. (A11)–(A13)]. Finally, we note that,
despite the significant differences between models A, B,
and C0, the Ls vs Tb relations (although not shown here)
are nearly identical in all three cases.

APPENDIX B: OBSERVATIONAL DATA

In Table IV, we list the data set of isolated cooling NSs
that we use to plot Fig. 9. For weakly magnetized stars and
stars with no magnetic field observed, we mainly take the
data from [68]. For magnetars, we mainly take the data
from Ref. [7], with three exceptions. For Swift J1818-1607,
we take the timing data from [70] and adopt the upper limit
on the quiescent luminosity from Ref. [69]. For SGR 1745-
2900, we take the timing data from Ref. [72] and the data
on the quiescent bolometric luminosity from Ref. [71]. For
Swift J1555-5402, we take both timing data and the upper
limit on the luminosity from Ref. [73].
For the polar magnetic fields, Bp, cited values come from

pulsar-timing estimates, assuming a dipolar geometry.
Estimates of ages t are ambiguous for some of the NSs
we consider. In case an age estimate not based on spindown
(a kinematic age or an age of the associated supernova
remnant) is provided in the literature, we take it as t. If only
timing data are available, we set lower and upper limits on t
as 0.5 and 2 times the claimed central value of the
characteristic age. We consider only NSs with
t≲ 3 × 104 yr. For the statistical meaning of the intervals
and upper limits given in Table IV, see the cited sources and
references therein.
Notice that, especially for magnetars, the data on thermal

luminosities present in the literature are sometimes ambigu-
ous. For instance, Ref. [103] yields L∞

s for SGR J0526-66,
the hottest source in our set, to be twice lower than in [7].

FIG. 11. Magnetic field model C0 and its effects on the surface properties of the neutron star. Left panel: magnetic field components in
units of Brms at the surface as a function of the polar angle. In black dashed-dotted the surface radial component Bs

r, and in black solid the
surface angular component Bs

θ. Central panel: cosine of the angle between the magnetic field lines and the normal to the surface as a
function of the polar angle. Right panel: surface temperature profile as a function of the polar angle using
Binit ¼ 5 × 1015 G.

FIG. 12. Total surface photon luminosity [Eq. (A2)] as a
function of the blanket (crust-core interface) temperature for
model C0, and different rms magnetic field strengths: 5 × 1015 G
(cyan, solid circular markers), 1015 G (red, solid triangular
markers), and 1014 G (green, solid pentagonal markers). Here,
the marker shows the results obtained using the procedure
described in Appendix A, while the dashed lines correspond
to a linear fit during the period when Lb ¼ Ls.
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